Observational evidence for anisotropy in supernovae (SN) and their phenomenological connection to jetted sources such as gamma-ray bursts have revived considerations of the role magnetohydrodynamic outflows might play therein. Understanding the types of dynamos that might operate in supernova progenitors is therefore relevant. In contrast to previous work, here we study an "interface dynamo" for the conditions of a rapidly rotating neutron star surrounded by a convective envelope. Such dynamos have been studied for the Sun, naked white dwarfs, and post-AGB stars, where analogous configurations of strong shear layers surrounded by convective envelopes are present. The interface dynamo provides estimates of large-scale poloidal and toroidal fields, whose product enters the Poynting flux. Because the poloidal field is much weaker than the toroidal magnetic field, the actual average Poynting flux is lower than rough estimates which invoke the only the magnitude of the total magnetic energy. The lower value is still sufficient to power the SN and its asymmetries. We find that the Poynting flux oscillates on a time scale ∼ 1 sec. These results highlight the need for better observational constraints on the time profile of energy delivery to a SN explosion, and on the issue of whether large-scale magnetic fields or simply a magnetic pressure gradient can provide the required explosion and shape. Asymmetries from bipolar magnetically driven outflows might also provide an explanation for pulsar kick velocities.
Introduction
Evidence has shown that many supernovae (SN) are intrinsically anisotropic. As summarized by Wheeler (2004a,b) , the evidence comes from: (1) bipolar structure in supernova remnants (Dubner et al. 2002) ; (2) optical jet and counter jet structures in Cas A (Fesen 2001) ; (3) X-ray jets and toroidal emission of intermediate mass elements (Hughes et al. 2000; Hwang, Holt, Petre 2000; Willingale et al. 2002) ; (4) asymmetric ejecta in SN1987A perpendicular to the major axis of the rings (Pun et al. 2001; Wang et al. 2002) ; and (5) Optical polarization in both Type I and Type II supernovae with the Type Ib,c polarization being higher than that of Type II (Wang et al. 2001) , but with the latter increasing with time (Leonard et al. 2000 (Leonard et al. , 2001 . Since Type I SN represent a naked core, and the core at late times in Type II becomes exposed, a consistent interpretation is that the very engine of the SN is a source of this asymmetry.
At minimum, anisotropy likely reveals the role of rotation in SN engines and the need to incorporate non-spherically symmetric physics. The combination of rotation, highly ionized plasma, stratified turbulence, and magnetic fields has prompted various considerations of MHD outflows as a source of this asymmetry, if not the source of the SN explosion itself. Recent renewed interest in proposals relating MHD outflows to supernovae (Leblanc & Wilson 1970; Meier et al. 1976; Ardeljan, Bisnovatyi-Kogan, & Moiseenko 1998; Khokhlov et al. 1999; Wheeler et al. 2000; Wheeler, Meier, & Wilson 2002; Moiseenko, Bisnovatyi-Kogan, & Ardeljan 2004 ) is bolstered by the association of SN with Gamma-ray bursts (GRB, e.g. Galama et al 1998; Iwamoto et al. 1998; Wheeler et al. 2000; MacFadyen & Woosley 1999; MacFadyen, Woosley, & Heger 2001; Cobb et al. 2004) . That magnetized outflows have also long been though to be important in young stellar objects, active galactic nuclei, pulsar winds, and microquasars (of which GRB are likely one class) suggests that explosive outflows in astrophysics could all involve some combination of rotation and magnetic fields.
Previous work on magnetic field amplification in pre-supernovae core conditions have employed either (i) simple shear that grows toroidal field linearly (e.g. Leblanc & Wilson 1970; Ardeljan, Bisnovatyi-Kogan, & Moiseenko 1998; Wheeler 2000) , (ii) traditional kinematic convective α − Ω dynamo models to grow ordered fields (Thompson & Duncan 1993) , which in principle grow large-scale fields exponentially, or (iii) the exponential field growth from the magneto-rotational instability (MRI, e.g. Balbus & Hawley 1998) (Akiyama et al. 2003; Moiseenko et al. 2004) , whose saturated magnetic energy was used as a rough estimate for the large-scale toroidal field. Each has its merits and its limitations. In the presence of turbulent diffusion, (i) will not sustain the field. The approach of (ii) provides exponential growth and thus an important step forward, but the backreaction of the field on the driving flow, the separate generation of toroidal vs. poloidal fields, and the spatial location of the α and Ω effects still needs to be determined. The recent approach of Akiyama et al. in (iii) offers a useful model of the internal and rotational structure of the inner SN engine, and also makes careful estimates of the saturated energy of the magnetic field adopted from results obtained in MRI disk simulations. Whether these values also apply to pressure-supported stars remains to be studied in detail because the MRI likely transports angular momentum on spherical shells (Balbus & Hawley 1994) . If 3-D turbulence develops, then field amplification will take place from the MRI. Moiseenko et al. (2004) provide 2-D simulations of what appear to be MRI-driven SN, starting from a relatively strong, ordered poloidal field. In 2-D there is no sustained dynamo action to amplify the total magnetic energy from arbitrarily small values however.
An important question is whether a magnetically driven outflow inside of the engine requires a large-scale field to drive an outflow in the supernova progenitor. By large-scale field, we mean one that maintains the sign of its flux over many dynamical times, when averaged over the size of the region. Such large-scale fields do likely play a role in generating outflows in disks or stellar coronae. However, inside of a star the magnetic pressure from a random field may be enough. The shape of the required outflow compared to that from theoretical studies (e.g. Moiseenko et al. 2003 ) may help resolve this issue.
Incorporating the physical conditions of rotation, turbulence, and ionized plasma, one ultimately would like to understand the physics of the proto-supernova engine independent of what is needed. In this respect, and despite the ambiguous role of fluctuating vs. large-scale fields, we focus here on large-scale field generation. Note that large-scale field generation does not exclude the presence of the MRI. When the MRI operates in a stratified medium, it may provide a source of helical turbulence that allows one sign of magnetic helicity to migrate to large scales, producing large-scale magnetic fields (e.g. Brandenburg et al. 1995; Blackman & Tan 2004) . In our interface dynamo, the source of helical turbulence is considered to be convection driven by neutrino deposition rather than the MRI. It should be emphasized that studies focusing on magnetic energy amplification from the MRI (Balbus & Hawley 1998) typically focus on the total magnetic energy (e.g. Akiyama et al. 2003) rather than a large-scale field in the sense we have defined above.
Here we consider a large-scale interface dynamo of the type first proposed by Parker (1993) for the Sun (see also Charbonneau & MacGregor 1997; Markiel & Thomas 1999; Zhang et al. 2003) . The key difference between the interface dynamo and the classical α − Ω dynamo is that the dominant region of shear and the dominant region of helical turbulence are not co-spatial. The shear associated with differential rotation is concentrated in a layer (the Ω-layer) lying beneath the turbulent convection zone (the α layer). Such a scenario has been a leading model for the solar dynamo, and has also been applied to white dwarfs (Markiel, Thomas, & Van Horn 1994) and to AGB stars (Blackman et al. 2001) . In all of these cases, helical turbulence in the convective zone provides the dynamo α effect and thus generates the poloidal field. Asymmetric turbulent pumping (e.g. Tobias et al. 2001 ) pushes the poloidal field downward into the strong shear layer where the toroidal field is amplified. The rotational and convective structure of the proto-supernova engine in core-collapse supernovae has a similar structure, with a strong shear layer surrounded by a convective envelope.
Dynamo research must accommodate two competing needs: the need for a theory that rigorously includes the backreaction of the growing magnetic field on the flow, and the need to model the field growth in a realistic system. Meeting these two goals is difficult both analytically and numerically, and compromises must be made. This paper fits more into the category of placing the dynamo in a somewhat realistic setting rather than presenting a detailed study of a non-linear dynamo. We parameterize the complex non-linear backreactions in order to demonstrate the plausibility of the interface dynamo as simply as possible.
In section 2 we present the basic interface dynamo model. In section 3 we discuss the parameter choices and present the corresponding solutions to the dynamo equations. In section 4 we discuss the implications of the calculated Poynting flux. We conclude in section 5 and suggest some future work.
Local interface dynamo equations
The simple interface dynamo model we adopt is essentially that of Markiel, Thomas, & Van Horn (1994) . The structure of this model is illustrated in the meridional slice shown in Figure 1 . Two distinct regions adjoin at the interface radius r = r c . In the inner region, differential rotation (the Ω effect) wraps the poloidal field into a toroidal field with the rotation profile varying linearly from Ω 0 at r = r c to Ω 0 + ∆Ω at r = r c − L. The outer layer, representing the convection zone rotates rigidly with angular velocity Ω 0 . There, cyclonic convection (the α-effect) converts toroidal field into poloidal field. This poloidal field is then pumped or diffused downward into the Ω layer where the shear again further amplifies the toroidal field. The relevant α layer has scale height L c , which corresponds to a density scale height from the base of the convection zone. A full treatment of the interface dynamo would include anisotropic diffusion, stratification and shear, a global 3-D treatment of the convection, a fully self-consistent role of buoyancy, a self-consistent sustenance of α magnetic field on the velocity field. Here we provide only a minimalistic approach that in which the mean magnetic field depends on only 1 spatial variable. This demonstrates the mechanism simply.
To solve for the magnetic field, we employ the mean-field induction equation, derived by averaging the induction equation in the presence of helical velocity fluctuations. The standard mean field induction equation, ignoring cross-helicity, is (e.g. Parker 1979)
where B is the mean field, V is the mean velocity, λ is the turbulent diffusivity, and the turbulent electromotive force is v × b = αB − β∇×B, where α is the pseudoscalar helicity dynamo coefficient and β is the scalar turbulent magnetic diffusivity.
Although we have in mind a spherical system, for present purposes we simplify the analysis by working in local Cartesian coordinates. Slightly simplified versions of the equations we solve below have been used in previous interface dynamo models (Robinson and Durney (1982) , Markiel, Thomas, & Van Horn (1994) ) without adequate derivations, and so we present a full derivation here. The coordinates we use are shown in Figure 1 . Writing A = (A x , A, A z ) and assuming that (i) the mean fields are axisymmetric (i.e.
β is independent of position, and (vi) β >> λ, we can write the equations for the toroidal magnetic field B and the vector potential A as
where we have used −u∂ z B − B∂ z u ∼ −uB/L which corresponds to a loss term due to magnetic buoyancy with u > 0. If we assume that the Fourier transform of the field is proportional to a δ function in wavenumber (i.e. the mean field has a single large scale), and that the x gradients dominant, then we can write A = A(t)e ikx and B = B(t)e ikx where A(t) and B(t) are complex-valued functions. Then, assuming the ∂ z α term to be small, Eqs. (2) and (3) become
where the last similarity in (4) follows from ∂ z V ∼ r c ∆Ω/L, based on the interface geometry shown in Figure 1 . For the turbulent diffusivity, we write
where c β is a dimensionless constant which can be thought of as ∼ 1/3 times the ratio of a turbulent fluctuation scale to L and v 1 is a typical convective velocity at the middle of the α layer (i.e. at r = r c + L 1 /2, see Fig. 1 ).
In interpreting − uB L as the rate of loss of toroidal flux due to the buoyant rise of toroidal flux out of the dynamo region, we use the expression for the rise velocity of a flux tube (Parker 1955 (Parker , 1979 
where a is the radius of the flux tube (assumed to be L/2), V A is the Alfvén speed associated with B, and 0 < q < 1 is a dimensionless constant.
While there is no compelling evidence that β is quenched in convective 3-D MHD turbulence, recent work on dynamo theory has shown that α quenching can be understood dynamically via magnetic helicity conservation (e.g. Blackman & Field 2002; Brandenburg & Subramanian 2004 for a review). The build-up of the large-scale field is associated with a build-up of the large-scale magnetic helicity, A · B. In the absence of boundary terms, magnetic helicity is well conserved, so the small-scale helicity builds up equal and opposite to that of the large scale. Since α depends on the difference between kinetic and current helicities, the build up of small-scale magnetic (and thus current) helicity eventually saturates the dynamo. If boundary terms can remove both small and large-scale helicity (Blackman & Field 2000) then the α quenching is alleviated but at the expense of a lower saturated mean field (Blackman & Brandenburg 2003) . If the small-scale helicity can be preferentially removed then the large-scale growth proceeds longer to larger values. Shear may also reduce the impact of α quenching (Brandenburg & Sandir 2004 ). Here we are mainly interested in demonstrating the plausibility of an interface dynamo in SN, and we do not include a rigorous treatment of the non-linear backreaction. Instead, we adopt a parameterization of the backreaction that can be used to approximate the non-linear quenching. The quenching formula used for previous interface dynamos (Markiel, Thomas, & Van Horn (1994) ) actually provides an adequate local approximation, namely
where γ 1 is a dimensionless constant, ρ 1 and v 1 are the mass density and a typical convective velocity at the middle of the α layer, and (Durney & Robinson (1981) )
where c α < 1 is a dimensionless constant. We also allow for Ω quenching by writing (Markiel, Thomas, & Van Horn (1994) )
where γ 2 is a dimensionless constant, ρ 2 is the density at the middle of the differential rotation layer (i.
) is the excess velocity over rigid rotation at the middle of the Ω-layer, and
where f is the fractional change of rotation across the Ω layer.
The dynamo solutions discussed in the next section come from solving the non-linear coupled equations (4) and (5). For the parameters chosen, the first term on the right of (4) is small compared to the next term, implying that we are in the α − Ω interface dynamo regime (even when Ω quenching is included). In the kinematic limit, γ 1 = γ 2 = q = 0, and the equations reduce to the kinematic linear equations which have exponentially growing solutions of the form A(t) = A 0 e nt and B(t) = B 0 e nt , such that A = Re(A 0 e nt+ikx ) and B = Re(B 0 e nt+ikx ), and
The amplitude of these waves grows (i.e. Re(n) > 0) only when the dynamo number
exceeds unity.
Discussion of parameters and field solutions
For the engine structure, we employ the profiles of Akiyama et al. (2003) for a rapidly rotating neutron star (NS) formed from the collapse of a 15 M ⊙ progenitor. These authors used a 1-D stellar evolution code to obtain the radial structure of a spherical core collapse, and then computed the rotational velocity profiles a posteriori by assuming that angular momentum is conserved on spherical shells during the collapse. We adopt the values of the density and rotation profiles corresponding to 384 milliseconds after bounce. While Akiyama et al. (2003) used their structure and rotation solutions as inputs for their MRI dynamo calculations, we use these inputs for the interface dynamo of the previous section.
Using the characteristic numbers, our differential rotation layer (Ω-layer, Fig. 1 ) extends down to the surface of the NS (r c − L = 1.5 × 10 6 cm) and the base of the convection zone is located at r c = 4 × 10 6 cm. We take the α effect to occur above the base of the convection zone in a layer whose thickness (L 1 = 2.3 × 10 6 cm) equals the local density scale height. The density in the middle of the Ω layer is taken to be ρ 2 = 2.4 × 10 13 g/cm 3 and that of the α-layer is taken to be ρ 1 = 2.4 × 10 12 g/cm 3 (Akiyama et al. 2003) . A typical convective velocity (e.g. Herant et al. 1994 ) of v 1 = 10 8 cm/s is taken in the middle of the α layer and is sustained by the neutrino luminosity and lepton gradients.
The interface dynamo equations of the previous section contain five dimensionless constants: γ 1 , γ 2 , c β , c α , and q. We take γ 2 = 0.1 for all calculations. For the quenching parameter, γ 1 , we consider solutions for a range of values 0.1 ≤ γ 1 ≤ 5. For this range of γ 1 and for the relevant densities and velocities, the saturation fields are such that the the solutions are α-quenching limited rather than Ω-quenching or buoyancy limited. Regarding the parameters c β , c α , and q, we note that the dynamo number is sensitive only to the ratio c α /c 2 β , whereas q enters in the buoyancy loss term and c α enters in the kinematic dynamo frequency. A range of choices can be considered to be appropriate given the uncertainty in the detailed properties of the turbulence, but, in the spirit of mixing-length theory, we choose c β = 0.06, c α = 0.002, and q = 0.005, which yield dynamo solutions matching the solar dynamo period and field strength when the theory is applied in that context (Markiel, Thomas, & Van Horn (1994) ).
The magnetic field strengths B x , B y are computed at the interface layer (r = r c ). At r = r c , x = r c θ locally where θ is the poloidal angle from the prescribed z axis in Figure 1 . We must must choose the mode whose growth we seek. Although the Cartesian approach technically applies only locally, we choose the mode that most closely corresponds to dipole symmetry, namely that for which kr c = 2.
Figures 2 and 3 show the maximum poloidal field, maximum toroidal field, and maximum Poynting flux as functions of the initial overall rotation rate Ω 0 and dynamo number N D for several choices of the differential rotation parameter f and the α-quenching parameter γ 1 . The Poynting flux at the interface layer is given by
This requires the separate determination of the toroidal and poloidal magnetic fields. Because these two field components are out of phase (see also Figs. 4 and 5), the maximum Poynting flux is not simply the product of their respective maxima.
The present parameter values dictate that the dynamo saturation is governed by the α quenching. Therefore, to understand the bottom and middle panels of Figure 2 , note that an approximate measure of the poloidal field saturation comes from estimating when α saturates from Eq. (4). This requires consideration of the energy in the mean field which is dominated by the toroidal contribution, that is, B 2 ∼ B 2 y . Since B y is amplified linearly above the poloidal magnetic field strength, in a diffusion time scale,
The saturation exponent of α in (4) 
For fixed N D , the α quenching then becomes significant at the same value of B y when B x ∝ f −1/2 , where B y then depends only on the dynamo number. This explains the saturation curves of Figure 2 . For the B x saturation shown in the bottom panels of Figure 2 , each curve has a sharp rise because no growth in amplitude occurs below a critical dynamo number. The bottom right panel shows that a lower value of f means a higher saturation value of the poloidal field, as predicted. Correspondingly, the middle right panel shows that the saturation value of B y depends only on the dynamo number.
Note that although the saturation values increase along any one of the curves with increased dynamo number (or rotation rate) in the two columns of Figure 2 , the increases are relatively modest. Some increase results because increasing N D and the differential rotation increase the growth rate, but the form of the α quenching from (8) remains the same. A faster growth rate can better compete with the saturation, and hence the saturated field strength is a bit larger. That the increases are modest is due to the fact that the quenching is exponential: near approximately the same field strength, the growth depletes and the field saturates at similar values for a range of values of N D and ∆Ω.
The saturation curves of Figure 3 are for various choices of the α-quenching parameter, with all other parameters kept fixed. These curves illustrate the modest sensitivity of the saturation values to the α quenching. Figures 2 and 3 show that typical toroidal field strengths of 10 15 G and poloidal field strengths of ∼ 3 × 10 13 G arise for the supernova engine parameters of Akiyama et al (2003) , as long as the dynamo number exceeds the critical value for growth. The associated Poynting fluxes are in the range of 10 49 − 10 51 erg s −1 for the range of quenching parameters and differential rotation magnitudes considered here. G. Only the toroidal field reaches such a large value, and only near the very peak of its amplitude.
Therefore over much of a given cycle the field evolution is kinematic and the cycle period takes on its kinematic value. The Poynting flux oscillates with a period half that of the field components, corresponding to values ∼ 1 sec. If signatures of the time dependence of energy injection to SN could be constrained observationally, this periodicity would be a specific prediction of a large-scale dynamo. Similarly, were a Poynting-flux driving cycle to operate in GRB progenitors, one might consider this to provide a source of variability.
The values of the Poynting flux ∼ 10 49 − 10 51 erg/s in Figures 4 and 5, calculated from (14), are sufficient to drive a supernova. This follows from estimating the energy needed to unbind the stellar material that the jet drives through. The minimum magnetic luminosity (Poynting flux) required to drive the outflow can be written as (Wheeler et al. 2000 )
where M e and r e are the stellar envelope mass and radius, M ns is the NS mass, Φ is the outflow opening angle divided by 2π, and τ b is the injection or "burst" time scale of the outflow. We do not model Φ, but simply scale the value to a plausible number. Equation (15) is really a constraint on the product L mag τ b rather than L mag , since there have not yet been observationally derived constraints on τ b for SN. When the condition (15) is satisfied, the magnetic field has become large enough to drive away the material above it in a "jack-in-the-box" type of magnetic spring explosion. (In addition to Wheeler, Meier, & Wilson (2002) , see also Matt et al. (2003) for simulations of a magnetic explosion without specifying the field origin, and Moiseenko et al. (2004) for a magnetic explosion driven SN.). We plot values of τ b = E rot /L mag in Figure 6 , where E rot is either (a) the rotational energy of the NS, 0.5M ns Ω 2 ns r 2 ns , or (b) the rotational energy of the shear layer,
The reason for considering the two choices is the uncertainty in the extent to which the NS rotational energy couples with that for r ≥ r c − L.
Two potentially important consequences of the interface dynamo in the context of previous work on MHD and field generation in the SN engine deserve mention. First, because the magnetic field in the interface dynamo model is maximized at the base of the convection zone at from r c − L ≤ r ≤ r c rather than at the NS radius r ns < r c − L, the outflow would be less loaded with neutron-rich material than in a model that amplifies the field more strongly at the surface of the NS (Meier et al. 1976) . Too much neutron loading by jets emanating from too deep within in the engine would produce r-process material in excess of that observed. Second, because the strength of the amplified field depends on the material density, once the field is amplified sufficiently it expands and drives off this material weighing it down. By that time, the spin energy is extracted and the field strength at very late times will fall well below 10 15 G. In this respect, the presence of 10 15 G field in the supernova progenitor does not imply an overabundance of magnetars. There is no contradiction between magnetically driven SN associated with pulsars and present surface fields << 10 15 G. The strong magnetar surface fields would not be produced by the interface dynamo, but rather from a dynamo within the NS (Thompson & Duncan 1993) or from a fossil field from an earlier stage that was amplified by flux freezing, and dynamically relaxed during NS formation (Blackman & Field 2004; Braithwaite & Spruit 2004) .
The interface dynamo field does not extend beneath r c − L because there is insufficient convective turbulence between r ns and r c − L for the field to grow exponentially there. In the absence of another instability such as the MRI, the field would only grow linearly for r < r c − L. Linear growth may have difficulty competing with the buoyant loss of field from this region. In contrast, at r c , exponential growth in the interface dynamo is facilitated even in the absence of the MRI via the anisotropic downward pumping of the poloidal magnetic field into the shear region (e.g. Tobias et al. 2001) . As mentioned in section 1, the interface dynamo does not exclude the possible operation the MRI for r < r c − L. The MRI can in principle produce either a small-scale or a large-scale magnetic field (defined in section 1), but the latter only if the turbulence resulting from the MRI is helical. It may be that field amplification below r c − L is in fact due to the MRI and that the pressure gradient resulting from this field plays the primary role in the SN driver (Akiyama et al. 2003) . However, it remains to be understood how effectively the MRI operates as a generator of 3-D turbulence generator in the pressure-dominated, convectively stable regions of stellar interiors (Balbus & Hawley 1994) .
The efficacy of magnetically-driven outflows for SN is evident from recent work by Moiseenko et al. (2004) . However, as in the magnetic explosion of Matt et al (2003) for planetary nebulae, Moiseenko et al. (2004) start with a significant large-scale poloidal field, comparable in strength to the saturated poloidal field we grow here from an initially small seed field.
Comment on pulsar kicks
Finally, suppose that we want to appeal to magnetically driven outflows both for driving a SN and for producing pulsar kick velocities ∼ 200km/s. Too much collimation may be undesirable for SN driving, as an overly collimated jet may simply bore a narrow hole through the envelope without driving the global explosion. At the same time, the stronger the collimation for a given amount of mechanical luminosity, the smaller the asymmetry needed to drive a significant kick. Since the source of energy for the wind is ultimately rotational energy, it is instructive to estimate the ratio of the kick kinetic energy, E k , to the rotational kinetic energy, E rot , for the needed kick speed v k . Using the rotational speed of the NS for E rot , this ratio is
That f < 1 is the minimal necessary condition for an asymmetric bipolar outflow to drive the kick. This implies that a kick from the magnetically driven bipolar outflow can in principle be accomplished with a much lower field strength than that associated with the indirect role of magnetic fields in producing a neutrino-driven kick (Lai & Qian 1998) .
Conclusion
We have applied a very simple local model of the α − Ω interface dynamo to the proto-supernova engine structures presented in Akiyama et al. (2003) . Such an interface dynamo, based on that commonly thought to be operating in the Sun, is a large-scale helical dynamo in which the shear layer providing the Ω effect lies beneath the turbulent convection supplying the helical α effect. For core-collapse proto-supernovae engines, the convection is driven by neutrino deposition and the shear layer beneath it derives from the initial stellar core collapse. The model we present parameterizes non-linear dynamo saturation via α quenching, Ω quenching, and buoyancy loss, and solves the resulting non-linear equations.
We find that large-scale toroidal fields of strength ∼ 10 15 G and large-scale poloidal fields of strength ∼ 10 13 G can be generated at the base of the convection zone. Our approach differs from the α − Ω dynamo of Duncan & Thompson (1993) which operates inside the NS, but agrees with the result that the large-scale toroidal field can have a magnitude ∼ 10 14−15 G. Our results are also complementary to the MRI-based estimates of Akiyama et al. (2003) , who obtained magnetic energies associated with a 10 15 G field, but inferred these values from turbulent magnetic energy saturation of the MRI turbulence rather than from specific values of a large-scale magnetic field.
We find that the poloidal magnetic field has a significantly lower magnitude than the toroidal field. This lowers the Poynting flux (which depends on the product of the two field components) compared to previous rough estimates that invoke the magnitude of the magnetic energy (e.g. Wheeler, Meier, & Wilson 2002) . However, the Poynting flux is still sufficient to drive the SN, account for its asymmetries, and provide a pulsar kick velocity if the bipolar outflows are weakly imbalanced. Note that the strong ∼ 10 15 G field attained in the shear layer driving the Poynting flux would be transient since it lasts only as long as it takes for them to drive off the envelope weighing it down. Also, because the large-scale toroidal and poloidal fields are out of phase , the associated Poynting flux oscillates with periods ∼ 1 sec. We therefore predict that if the SN is driven by a large-scale dynamo rather than a disordered magnetic pressure gradient, then the injection would show ∼ 1 sec variability. during the injection duration τ b . Observational constraints on the time scale for SN energy injection are needed.
Future work on large-scale magnetic field generation in SN should include both the radial and latitudinal spatial dependence of the system and dynamical treatments of the backreaction incorporating magnetic helicity conservation (e.g. Blackman & Field 2002; Brandenburg & Sandin 2004 ) and self-consistent treatments of buoyancy losses (e.g. Cline, Brummell, & Cattaneo 2003) . Distinguishing the relative roles of the MRI and convection-driven dynamos also warrants further work. For example, the extent to which the MRI drives magnetic field growth in a pressure supported, convectively stable region of a star has been studied only in the linear regime to date (Balbus & Hawley 1994) . Also, the self-consistent numerical study of the evolution of a very weak seed field, amplified internally, to the outflow that blows off the envelope (Matt et al. 2003; Moiseenko, Bisnovatyi-Kogan, & Ardeljan 2004) needs to be developed further.
Finally, similar dynamo studies for more massive "failed" SN (MacFadyen & Woosley 1999; MacFadyen, Woosley, & Heger 2001) are also needed, since a model driven by the Poynting flux from within such engines is a leading candidate to power GRB. The predicted variability on time scales ∼ 1 s, based on the relative phase of toroidal and poloidal fields in our dynamo cycle, suggests an analogous variability in Poynting-flux dominated GRB models. Fig. 1 .-Schematic meridional slice of the spherical dynamo engine. The local Cartesian coordinate system is shown. The α-effect occurs in a layer of thickness L 1 equal to the local density scale height at the base of the convection zone (r = r c ). The Ω-effect occurs in a concentrated region of thickness L which extends from the surface of the NS to the base of the convection zone. The left figures correspond to an initial rotation rate, Ω 0 = 150 Hz and f = 0.6 such that ∆Ω 0 = f Ω 0 . The cycle period observed is consistent with the ∼ 1.6 second estimate that follows from (12). For the right column, f = 0.6 and Ω 0 = 170 Hz. For the right column (stronger ∆Ω) the time for the field to reach saturation value is shortened. For both columns, the phase difference between the toroidal and poloidal fields results in a variability of ∼ 1 sec in the Poynting flux, which is shorter than the dynamo period. . For E rot , we use the rotational energy energy of the NS for the top panel, and the rotational energy of the shear layer for the bottom panel (see text). For the top panel we use γ 1 = 0.1, 5 and f = 0.6, but other values of γ and f give essentially the same curve: for a given Poynting flux, the spin down time is the same. In contrast, for the bottom panel, E rot depends on f , leading to the different curves shown.
